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Polarimetry for planets
• Reflection makes polarization. Polarization of the reflected light from a 

planet has information of its atmosphere, clouds and surface.

• Polarimetry has been a powerful method to investigate Solar-System 
objects. For example, polarimetry for Venus (e.g., Lyot 1929) played a key 
role to identify H2SO4 hazes by determining the size and refractive index of 
the reflecting particles.

• As is for Solar-System planets, polarimetry for exoplanets may be a good 
diagnostic tool to know …

• atmospheric composition 

• cloud/haze altitude (Stam 2004, 2008)
• optical thickness of atmosphere ? (Takahashi+ 2013)
• existence of a surface ocean ?? (McCullough 2006)



Pol. spectra of planets
• Model calculations

• The enhanced features are explained by the decrease in intensity of the 
multiply scattered component at the absorption wavelengths as compared 
with that at the continuum wavelengths.

• Pol spectra are sensitive to the clouds/haze altitude.
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Fig. 4. The flux F and degree of polarization P of starlight reflected by three Jupiter-like EGPs for α = 90◦. Planetary model atmosphere 1
(solid lines) contains only molecules, model 2 (dashed lines) is similar to model 1, except for a tropospheric cloud layer, and model 3 (dotted
lines) is similar to model 2, except for a stratospheric haze layer.

and the sensitivity of the degree of polarization of the reflected
stellar radiation to the structure and composition of the plane-
tary model atmosphere.

4. Results

4.1. Flux and polarization as functions of wavelength

Figure 4 shows spectra of the reflected flux F and degree of po-
larization P for the 3 model atmospheres and a planetary phase
angle α of 90◦. These spectra have been calculated at the same
1-nm intervals at which the CH4 absorption cross-sections have
been given (Karkoschka 1994). In order to present general re-
sults in Fig. 4, we have set πB0r2R2/(d2D2) (see Eq. (5)) equal
to one. In fact, Fig. 4a thus shows 1

4 a1(λ, 90◦), with a1 the
(1,1)-element of the planetary scattering matrix S (cf. Eq. (6))
and Fig. 4b, −b1(λ, 90◦)/a1(λ, 90◦). Using Eq. (5), scaling the
fluxes presented in Fig. 4a to obtain results for a Jupiter-like
extrasolar planet in an arbitrary planetary system is a straight-
forward excercise. Note that P (Fig. 4b) is independent of the
choice of r, R, d, D, and B0, because P is a relative measure.

The flux and polarization spectra in Fig. 4 can be thought
of to consist of a continuum with superimposed high-spectral
resolution features that are due to absorption by CH4. Recent
Earth-based spectropolarimetric measurements of the gaseous
planets of our own Solar System using ZIMPOL show a similar
spectral structure (Joos et al. 2004).

For model 1, which is the clear atmosphere, the continuum
F decreases steadily with λ (Fig. 4a), following the decrease
of the molecular scattering optical thickness with λ. The con-
tinuum P (Fig. 4b) increases with λ, because the smaller the
molecular optical thickness, the less multiple scattering takes
place within the atmosphere; and multiple scattering tends to
lower the degree of polarization of the reflected light. Multiple
scattering also decreases with increasing absorption by CH4.
For model atmosphere 1, this fully explains the high values
of P within the CH4 absorption bands (Stam et al. 1999). In
the strong absorption band around 0.89 µm, P = 0.95, and thus
almost reaches its single scattering value at a single scattering
angle of 90◦ (which corresponds with a planetary phase angle α
of 90◦), namely 0.96 (see Fig. 3b).

For model 2, which is the atmosphere with the tropospheric
cloud, both F and P (Fig. 4a and 4b) at the shortest wave-
lengths are similar to those of model 1, because at these wave-
lengths, the molecular scattering optical thickness of the atmo-
spheric layers above the cloud is so large that hardly any stellar
light will reach the cloud layer. In the strong CH4-absorption
band around 0.89 µm, With increasing wavelength, the molec-
ular scattering optical thickness decreases, and, at least at con-
tinuum wavelengths, the contribution of light scattered by the
cloud particles to the reflected F and P increases. The slope of
the continuum F is less steep for model 2 than for model 1,
because while the molecular scattering optical thickness de-
creases with wavelength, the cloud’s (scattering) optical thick-
ness increases. The decrease of the continuum P for model 2
(Fig. 4b) is due to the increased multiple scattering within the
cloud layers, as well as to the low degree of polarization of light
that is scattered by cloud particles (see Fig. 3b).

In the CH4-absorption bands, F is generally larger and P
smaller for model 2 than for model 1, just like at continuum
wavelengths. In the strong absorption band around 0.89 µm,
however, F and P of the two models are similar, because at
these wavelengths, hardly any stellar light can reach the cloud
layer due to the large molecular absorption optical thickness
of the atmosphere above the cloud. The light that is reflected
at these wavelengths, has thus been scattered in the highest at-
mospheric layers, which are identical in model atmospheres 1
and 2.

For model 3, the atmosphere with the tropospheric cloud
and the stratospheric haze, F is at all wavelengths somewhat
larger than for model 2, even at the shortest wavelengths, where
model 2 is almost indistinguishable from model 1 (Fig. 4a).
The influence of the optically thin haze on F is explained by
the relatively small molecular scattering and absorption optical
thickness above the high-altitude haze layer: at all wavelengths,
a significant fraction of the incoming stellar light reaches the
haze layer and is reflected back to space. The degree of polar-
ization P (Fig. 4b) for model 3 is at all wavelengths signifi-
cantly lower than that for model 1 and 2 mainly because light
that is singly scattered by the haze particles has a very low de-
gree of polarization (see Fig. 3b). In particular, P is very low
in the strong absorption band around 0.89 µm. Whereas in the
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Pol. spectra of planets
• Earthshine observations (Sterzik+ 2012, Miles-Paez+ 2014).

A&A 562, L5 (2014)

0.3 0.6 0.9 1.2 1.5 1.8 2.1
0

2

4

6

8

10

12

14

16

18

Wavelength (µm)

p*  (
%

)

 

 

O
2

H
2
O O

2

H
2
O

H2O
H2O

This work
Sterzik et al. 2012
Bazzon et al. 2013: highlands
Bazzon et al. 2013: maria

Fig. 3. Our visible and NIR spectropolarimetric measurements of the
earthshine compared to literature data. A 10-pixel binning was applied
to the NIR spectrum of region B. The uncertainty per wavelength is plot-
ted as vertical gray error bars. Wavelengths of strong telluric absorption
have been removed. Some molecular species seen in “emission” (in-
dicative of strong atmospheric flux absorption and less multiscattering
processes occurring at those particular wavelengths) are labeled. The
vertical dashed line separates the ALFOSC and LIRIS data.

We compare our measurements with data from the literature
in Fig. 3. To improve the quality of the NIR linear polarization
degree spectrum of region B, we applied a ten-pixel binning in
the spectral dimension. Overlaid in Fig. 3 are the optical p∗ val-
ues obtained at a spectral resolution of 3 nm and for two sep-
arated dates by Sterzik et al. (2012), and the broadband filter
measurements of Moon highlands and maria made by Bazzon
et al. (2013) for a Sun-Earth-Moon phase angle similar to ours.
All optical data display a qualitatively similar pattern (previously
discussed), but they differ quantitatively in the amount of polar-
ization per wavelength and the spectral slope. The spectral slope
of Sterzik et al. (2012) and Bazzon et al. (2013) data is steeper
than the ALFOSC spectrum, while our measurements and those
of Takahashi et al. (2013, see their Fig. 3) display related de-
clivity. These differences may be understood in terms of distinct
lunar areas explored by the various groups and different observ-
ing dates. Sterzik et al. (2012) attributed the discrepancies of
their two spectra solely to the time-dependent fraction of Earth
clouds, continents, and oceans contributing to the earthshine.
Our simultaneous NIR spectra of regions A and B support the
conclusion of Bazzon et al. (2013) that linear p∗ values may also
partially depend on the exact location of the Moon observed.

Despite the featureless appearance of the polarimetric spec-
trum of the Earth, some signatures are still observable at the
level of ≥3σ and at the resolution and quality of our data. The
most prominent molecular features have been identified as la-
beled in Fig. 3: the optical O2 at 0.760 µm (previously reported
by Sterzik et al. 2012), H2O in the intervals 0.653−0.725µm
and 0.780−0.825µm and the NIR H2O at 0.93µm and 1.12 µm
and O2 at 1.25 µm, the last two reported here for the first time.
Linear polarization is higher inside deep absorption molecular
bands because strong opacity leaves only upper atmospheric lay-
ers to contribute significantly to the observed flux, thus reducing
multiple scattered photons with respect to single scattered ones.
As discussed by Sengupta (2003) and Stam (2008), single scat-
tering produces more intense polarization indices than multiple
scattering events. The presence of the O2 A-band at 0.760 µm
and H2O at 0.653−0.725µm, 0.780−0.825µm, and 0.93 µm in
the Earth spectropolarimetry has already been predicted by Stam
(2008). These authors stressed the sensitivity of the A-band po-
larization index to the planetary gas mixing ratio and altitude of
the clouds. Interestingly, the peak of the linear polarization at the
center of the 1.12-µm H2O band is ∼2.7 times greater than the

values of the surrounding continuum, i.e., similar in intensity
to the blue optical wavelengths. Even more important should
be the linear polarization signal of water bands at ∼1.4 µm
and ∼1.9 µm, which unfortunately cannot be characterized from
the ground due to strong telluric absorption. Spectropolarimetric
models of the Earth, guided by the visible and NIR observations
shown here, could provide hints to their expected polarization
values.

To this point, we presented earthshine p∗ values as measured
from the light deflection on the Moon surface. However, this
process introduces significant depolarization due to the back-
scattering from the lunar soil (Dollfus 1957); the true linear
polarization intensity of the planet Earth is actually higher. At
optical wavelengths, the depolarization is estimated at a fac-
tor of 3.3λ/550 (λ in nm) by Dollfus (1957), making true po-
larization fall in the range 26−31%. We are not aware of any
determination of the depolarization factor for the NIR in the
literature. The extrapolation of Eq. (9) by Bazzon et al. (2013)
toward the NIR yields corrections of ∼×2.2−× 3.3 for the wave-
length interval 0.9−2.3 µm, implying that the true linear polar-
ization intensity of the Earth may be ∼9−12% for the NIR con-
tinuum, and ∼12−36% at the peak of the O2 (1.25µm) and
H2O (1.12µm) bands. The extrapolation of Dollfus (1957) depo-
larization wavelength dependency toward the NIR would yield
even higher true polarization values by a factor of ∼4. Further
modeling efforts are needed to confirm these features, which
may become a powerful tool for the search for Earth-like worlds
and their characterization in polarized light.
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Enhanced features at molecular (H2O, O2) absorption wavelengths were 
confirmed by the observations.
➡Spectro-polarimetry seems to be a promising method to detect 

atmospheric molecules.  



Benefits of polarimetry
• Scientific points 

• Polarization in planetary reflected light has information of its 
atmosphere, clouds and surface, which may not be obtained only by 
intensity observations.

• Technical points 

• State of polarization is (almost) not affected by telluric transmission.

➡H2O and O2 may be detected through spectro-polarimetry even on 
the ground.

• Polarimetric differential imaging (PDI) enhances contrast performance of 
an instrument and helps to detect planet signals.



Polarimeter for ELTs
• E-ELT

• A visible polarimetric imager EPICS-
EPOL is being studied (Kasper+2010, 
Keller+ 2010).

• EPOL is designed to have a detection 
contrast of a few 10-9 at 0.1 arcsec.

•  A spectro-polarimetry option is also 
studied (Rodenhuis+ 2012).

• TMT

• No polarimeter has been proposed 
yet.

 

 

 

 

Combining the XAO residuals with assumptions on object brightness, E-ELT wavefront and amplitude errors and pupil 

geometry as well as instrument aberrations, throughput, diffraction suppression systems and data analysis, PESCA 

provides final contrast curves such as the ones shown in Figure 4. 

 

The PESCA results demonstrate that EPICS is pushing the systematic limits below the photon noise level for virtually all 

possible targets with the IFS and EPOL. It therefore achieves photon noise limited contrast levels of the order 10
MN

 at 

separations around 0.1  required for the efficient detection of illuminated Exoplanets. 

 

The lower number of photons available for EPOL when compared to the IFS (planet polarization <30%, smaller spectral 

bandwidth) and the higher AO residuals at optical wavelengths make EPOL less sensitive than the IFS at larger angular 

separations. The shorter wavelength and the efficient apodized Lyot coronagraph, however, allow EPOL to achieve high 

contrast at the smallest angular separations down to 10 mas. 

 

  

   
F igure 4. 2D contrast maps (contrast color coded, X- and Y-units are arcseconds) and cuts along x-y for I=2.3 G2 star 

(10H exposure, field rotation) for the IFS (top) and EPOL (bottom). 

 

4.2 Science analysis 

The PESCA contrast curves are then used to analyze the discovery space for EPICS using the Monte Carlo code MESS 

that compares expected properties of a population of Exoplanets with the detection limits. MESS models stellar 

parameters (mass, distance, age, etc.) from samples of real stars, and models planet populations using theoretical models 

and observational results. 

 

Table 1 and Figure 5 show the EPICS detection rates predicted by MESS applied to a large sample of more than 1000 

nearby or young stars. While the IFS generally achieves a better photon-noise limited contrast and has higher detection 

 

 

 

 

rates on Neptune-like and Giant Planets, the very small inner working angle of EPOL allows it to detect several rocky 

planets that cannot be accessed by the IFS. 

 

Besides the detection capabilities of IFS and EPOL, the two instruments are also highly complementary in their 

characterization capabilities and offer a variety of secondary science cases, e.g. the observation of circumstellar debris 

disks with EPOL at highest angular resolutions. Moreover, an independent detection by the IFS and by EPOL virtually 

excludes false alarms such as background stars immediately and greatly increases the level of confidence.  

 

Table 1. Expected number of planet detections with EPICS predicted by MESS. 

Group 

Expected detections 

Mp>300 

MEarth 

100<Mp<300 

MEarth 

40<Mp<100 

MEarth  

10<Mp<40 

MEarth  

Mp<10 

MEarth  

IFS 362 147 107 41 6 

E-POL 79 50 55 55 19 

 

 

  
F igure 5. EPICS detections predicted by MESS for the IFS (left) and EPOL (right). 

 

MESS is a versatile tool that is very valuable for evaluating the impact of instrument parameters on the scientific output. 

For instance, MESS can be used to prioritize targets and design reasonably small surveys tailored to a particular 

scientific question. 

 

4.3 Rocky planets in the habitable zone ! the case of G liese 581d 

Gliese 581 d is an Exoplanet orbiting the star Gliese 581 approximately 20 light-years away in the constellation of Libra. 

Because of its mass, between 7 and 14 times that of Earth, the planet is classified as a super-Earth. Gl 581d is probably a 

tidally locked habitable super-Earth near the outer edge of the habitable zone
7,8

. Despite the adverse conditions on this 

planet, at least some primitive forms of life may be able to exist on its surface. 

 

Figure 6 demonstrates that Gliese 581 d, a rocky planet in the HZ with a separation of 35 mas and an approximate 

contrast ratio to the star of about 2.5 x 10
-8

, would be readily observable with the EPICS IFS in about 20 hrs.  

 

The EPICS contrasts shown in Figure 4 (top row) would in principle even allow for the detection of an Earth analog 
around a G2 star at 5pc (1AU corresponds to 0.2O#angular separation). However, there are only a handful of stars that are 

bright enough to be observed at ~2e-10 contrast, Cen being the most promising. 

 

separation (arcsec)

EPOL (Kasper+2010)



This study
• Motivation 

• Spectro-polarimetry for reflected light from an exoplanet may be used 
to detect atmospheric compositions such as H2O and O2.

• Aims 

• We aim to evaluate the feasibility of the search for a spectro-
polarimetric feature of H2O vapor using a high-contrast polarimetric 
instrument on a ground-based extremely large telescope (ELT). 

• Methods 

• Three types of errors are considered: (a) errors from different  
efficiencies between ordinary and extraordinary light beams, (b) errors 
caused by speckle noises, and (c) errors by photon noises from the 
leakage of the host star. 

• We estimate the number of planets for which feasible spectro-
polarimetric observations will be possible. 



Tel. AO Cor.

(a) (b) (c) (d) (e)

PBSHWP Det.

(f) (g)

IFS

Hypothetical instrument  

EPOL spectro-polarimetry experiment (Rodenhuis+ 2012)

• EPOL(spectro-polarimetry mode)-like observing system is assumed.

f0 

f90 

Hexagonal C Hexagonal F

Figure 5. Hexagonal lenslet configurations. The two different configurations represent different choices for the balance
between spectral and spatial resolution. Images courtesy R. Gratton & D. Mesa

that the wavelength mapping over the length of the two spectra will not be identical. This becomes a problem
when we wish to subtract the spectra of the two orthogonal polarization states to perform sensitive polarimetry.

The most optimal configuration will be one in which the two spectra are symmetrical. This is the situation
in the right pane of Figure 6. In essence, this uses the spectral ”track” of a regular IFS design (such as BIGRE)
and splits it in two halves, with the spectra of the two orthogonal polarization orientations dispersed outwards
from the middle.

Figure 6. Polarization splitting and wavelength dispersion in different configuration. Symmetric polarization splitting and
aligned spectra (left) is the most optimal configuration for sensitive polarimetry and efficient packing of spectra.

For this configuration, the chromaticity of polarization splitting elements such as Wollaston prisms may
actually be used to our advantage. The chromaticity is symmetrical for the two polarization orientations.
A problem is the fact that the angle of the polarization splitting and that of the crystal dispersion are not
independent. In particular, it is not possible with a single Wollaston to position the two spectra right next
to each other, i.e. have a zero polarization splitting angle for one wavelength (without it being zero for all
wavelengths).

A polarization splitting element similar to a Wollaston but offering the possibility of a much wider dispersion
angle is the so-called Polarization Grating [7]. But even for the polarization grating, the splitting and dispersion

5
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0A2NaC

Figure 4. Laboratory prototype demonstration of the spectro-polarimetric IFS concept. Shown are the multiple interlaced
spectra for the sub-apertures, for unpolarized input light (left) and two orthogonal polarization states (middle and
right). This concept allows gathering three different types of data on a target in one observation: Spatial, spectral and
polarimetric.

• Coherent crosstalk can occur in IFS designs where the resolution element is diffraction limited. This may
result in interference between coherent light passing through different lenslets.

An optical concept has been developed for the IFS arm of the SPHERE VLT instrument [1] that limits both
types of cross-talk [2]. This BIGRE concept uses a second lenslet array, with the microlenses aligned with those
of the first array, to form micro-images from the micro pupils projected by the first array. A pupil mask between
the two blocks stray light and acts as a spatial filter.

To limit the cross-talk between adjacent spectra, it is clear from the above that we wish the sub-aperture
PSF’s to be as compact as possible. The lenslet apertures must then be circular. Requiring circular apertures
but also wishing to collect as much light in the image plane as possible means a hexagonal lenslet array is the
most optimal sampling.

Given a certain number of pixels on the detector and a certain fill-factor (the percentage of pixels that
will actually be used to record the spectra), a tradeoff can still be made between the spectral and the spatial
resolution. Figure 5 shows two different configurations with a hexagonal lenslet array. Requiring a certain
minimum separation between the spectra we see that the left-hand configuration (Hexagonal F) offers longer
spectra (higher spectral resolution) but needs to be enlarged to have the same separation between the spectra
as the right-hand configuration. Thus, the spatial resolution will be less.

4. POLARIZATION SPLITTING & SPECTRAL DISPERSION

Once the tradeoff between spectral and spatial resolution has been performed, the optical configuration is largely
frozen. What remains is the design of the optical elements needed for the spectral dispersion and the polarization
splitting. In the prototype demonstration (Figure 4), a simple dispersing prism and a Wollaston polarization
splitter were used, with the dispersion performed in a different direction than the polarization splitting. This
setup is not very attractive as it means spectra can not be linear and aligned. The left pane of Figure 6 illustrates
that we obtain curved spectra as a result of the inherent chromaticity of the Wollaston prism.

The packing of the spectra can be made much more efficient if we perform the dispersion and the polarization
splitting along the same axis (middle pane). The chromaticity of the polarization splitting element will still mean

4
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Formulation of errors
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• Degree of 
polarization:

• Measured flux: 

• Error terms:

F0, F90 : true flux of the planet (ordinary and extra-ordinary)

measured offset error
(speckle or photon 
noise)

total 
efficiency

inter-stellar 
trans.

telluric 
trans.

inst. 
efficiency

replace F by f
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• Error terms:

(a) Bias due to different efficiencies (b) Bias due to speckles

(c) Random error due to photon noise

detector 
non-linearity

detection 
contrast 
(before PDI)

planet-to-star 
contrast

PDI gain
 best: 0.05
 worst: 1.0

raw contrast

star photon 
num.
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(10%)

detection 
criteria (1/3)



Val. unit ref

P(λcnt) pol deg at continuum 0.1 Miles-Paez+ 2014 (Earthshine x3)

ΔP pol deg feature strength 0.1 Miles-Paez+ 2014 (Earthshine x3)

λabs absorption wavelength 1.12 μm Miles-Paez+ 2014 

Δλ wavelength width of the  0.05 μm Miles-Paez+ 2014 

μ absorption intensity depth 0.5 Turnbull+ 2005

αp phase angle 90 deg
p geometric albedo 0.25 Montanes-Rodriguez+ 2005

rp planet radius var km Estimated from mass:  Weiss et al. 
(2013) and Weiss & Marcy (2014) 

m* stellar apparent magnitude var mag SIMBAD

d distance of the system from Earth var pc Exoplanet.eu or SIMBAD

Calculation
• Using the derived error equations, the error values in polarization 

degree are calculated for the 2041 known planets.

• We extract planets for which the pol. feature by water vapor (ΔP=10% 
at λabs=1.12 μm) is detectable.

• Planet and star assumptions:



Calculation
• Other setting

Val. unit ref

Tabs telluric transmittance at abs. wave. 0.7 GEMINI-S data

Δt exp time 15 h

D telescope diameter 39 m E-ELT

Craw raw contrast 10-6 @0.1” EPICS

Cdet detection contrast wo PDI 10-9 @0.1” EPICS-IFS

kav inst efficiency: (k0 + k90)/2 0.1

Δk/kav inst pol 0.05

ΔT/Tav pol by telluric transmission 5x10-5 Bailey+ 2008

ΔI/Iav inter-steller pol. 0.01

w detection definition 1/3



Bias
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Cdet /Cp/s

δk/kav = 0.05 

∆bP
eff(-)

bP
spec

g = 0.05 (Best PDI gain)

Speckle errors limit the detectability.
Cdet < Cp2s / 100 (g=1.0)  or Cdet < Cp2s / 10 (g=0.05) is necessary.  



Planet m* (J 
mag)

d (pc) Spect. 
type

Mass(
M_Jup) 

Est. R_p 
(km)

Est. 
type

flux ( erg /
s /cm^2)

a_p (AU) In/Outside 
of snow 
line ?

θ_p 
(arcsec)

σ_P ΔP/σ_P Δb_P ΔP/Δb_P SL (AU)

55 Cnc f 4.6 12.3 K0IV-V 0.14 56460 E2 1.30E+06 0.78 I 0.063 0.019 5 0.012 9 2.21

61 Vir d 3.3 8.5 G5V 0.07 37607 E2 4.78E+06 0.48 I 0.056 0.01 10 0.015 7 2.44

Aldebaran b -2.1 20.4 K5III 6.47 73097 E1 3.18E+08 1.46 I 0.071 0.002 62 0.015 7 3.45

GJ 682 c 6.5 5.1 M3.5V 0.03 22509 E3 8.60E+08 0.18 I 0.035 0.029 4 0.021 5 0.20

Gl 785 b 4.1 8.9 K1V 0.05 32227 E2 3.91E+06 0.32 I 0.036 0.015 7 0.033 3 1.64

Gliese 876 b 5.9 4.7 M4 V 1.93 41457 E1 4.62E+05 0.21 I 0.044 0.007 15 0.005 19 0.30

Gliese 876 e 5.9 4.7 M4 V 0.04 29984 E2 1.80E+05 0.33 O 0.071 0.02 5 0.005 21 0.30

HD 113538 b 6.4 15.8 K9V 0.36 99429 E2 8.98E+04 1.24 O 0.078 0.029 3 0.005 21 0.92

HD 176051 b 3.9 15.0 1.50 84965 E1 8.60E+08 1.76 ? 0.117 0.017 6 0.007 14 0.92

HD 192310 c 4.1 8.8 K3V 0.08 42025 E2 3.06E+05 1.18 I 0.134 0.032 3 0.009 11 1.73

HD 27442 b 2.6 18.1 K2 IV a 1.35 59975 E1 2.02E+07 1.16 I 0.064 0.014 7 0.022 5 3.89

HD 60532 c 3.7 25.7 F6IV-V 7.46 79813 E1 8.60E+08 1.58 I 0.061 0.026 4 0.028 4 5.60

HD 62509 b -0.5 10.3 K0IIIb 2.90 57459 E1 1.76E+07 1.69 I 0.163 0.004 28 0.008 13 5.83

alf Ari b 0.1 20.2 K2III 1.80 66913 E1 7.31E+07 1.20 I 0.059 0.004 24 0.025 4 6.08

μ Ara d 4.2 15.3 G3IV-V 0.52 50881 E1 2.37E+06 0.92 I 0.060 0.028 4 0.025 4 3.15

Average 3.5 12.9 1.65 55653 2.01E+08 0.97 0.1 0.017 12 0.0 10 2.58

• g= 0.05 (best) →　15 planets　(inside of snow lime: 12)

• g= 1.0 (worst)→　5 planets　(inside of snow line : 2)

Observable planets

Red: detectable for g=1.0



Observable planets
•  Exposure time = 15h
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Contrast vs. seperation

10-11

10-10

10-9

10-8

10-7

10-6

10-5

10-4

 0.01  0.1  1

C
on

tra
st

Seperation (arcsec), θ

m* = 5.9 mag, d = 4.7 pc, Rp = 4.1E+04 km

S Craw
1/2

B Cdet
Craw3Cdet

∆P Cp/s

•  Gliese 876b (g=1.0)

photon noise limit
speckle limit (pol feature signal)



Summary
• Spectro-polarimetry for reflected light from an exoplanet may allow 

ground-based observers to detect atmospheric compositions such as H2O 
and O2.

• We evaluated the feasibility of the search for a spectro-polarimetric 
feature of H2O vapor (ΔP=10%) by considering (a) errors from different  
efficiencies between ordinary and extraordinary light beams, (b) errors 
caused by speckle noises, and (c) errors by photon noises from the leakage 
of the host star. 

• We predict that several known planets including a mini-Neptune are 
observable in principle assuming an EPICS-IFS-like detection contrast 
before PDI. 

• It is worth beginning to study for a future high-contrast spectro-
polarimeter for TMT. 


